We present metallicity measurements based on GIRAFFE@VLT spectra of 80 subgiant-branch stars of the Galactic globular cluster ω Centauri. The VLT spectroscopic data are complemented by color-magnitude diagrams from high-accuracy photometry on a ∼ 10 × 10 arcmin 2 mosaic of ACS/HST images centered on the cluster center, and on multicolor images of a ∼ 34 × 33 arcmin 2 field, taken with the WFI@ESO2.2m camera. Our main purpose was to combine photometric data with spectroscopic data, in the hope of teasing apart some of the population mysteries that neither data set can answer on its own. We have obtained the [Fe/H] abundance for each of the 80 target stars, and the abundances of C, N, Ca, Ti, and Ba for a subset of them, by comparison with synthetic spectra. We show that stars with [Fe/H] < −1.25 have a large magnitude spread on the flat part of the SGB. We interpret this as empirical evidence for an age spread. A relative age has been obtained for each star, from theoretical isochrones for its metallicity, α-enhancement, and presumed He content. We have identified four distinct stellar groups within the SGB region: 4) group, on average 1-2 Gyr younger than the old metal-poor population, and with an age spread that we cannot properly quantify with the present sample. In addition, a group of SGB stars are spread between the intermediate-metallicity and metal-rich branches of the SGB. We tentatively propose connections between the SGB stars and both the multiple main sequence and the red giant branch. Finally, we discuss the implications of the multiple stellar populations on the formation and evolution of ω Cen. The spread in age within each population establishes that the original system must have had a composite nature.
Introduction
Omega Centauri is a peculiar and enigmatic object: it appears to be a globular cluster (GC), but it has a complex stellar population, and with its unusual mass (M ∼ 3 × 10 6 M ⊙ ) it has often been suggested to be the remains of a larger stellar system. It has received a large amount of attention; for a review see Meylan 2003 . The most provocative recent result (Anderson 1997 , Bedin et al. 2004 was the discovery that over a range of at least two magnitudes the main sequence splits into a red branch and a blue one. Follow-up spectroscopic studies at medium resolution led to even more enigmatic results , hereafter P05): contrary to any expectation from canonical stellar models, the bluer branch of the MS is more metal-rich than the red one. At the moment, the only explanation of the photometric and spectroscopic properties of the double main sequence that is at all plausible is that the bluer branch of the MS has an unusually high helium content (B04, Norris 2004 , P05, Lee et al. 2005 .
It has been suggested that this unusual Herich population might come from material contaminated by the ejecta of massive (25M ⊙ , Norris 2004), or slightly less massive (10-14 M ⊙ , P05) supernovae, or from rapidly rotating low-metallicity massive stars (Maeder & Meynet 2006) , or from intermediate-mass asymptotic-giant-branch stars (Izzard et al. 2004) . None of these hypotheses has been directly supported by observation. A detailed study of the chemical abundances of the different populations identified in ω Cen is badly needed in order better to understand the complex star-formation history of this cluster.
In the present paper we continue the photometric and spectroscopic investigation started in B04 and P05, giving further results on the double main sequence but concentrating our main attention on the region of the subgiant branch (SGB), which is even more complex than the MS, because of the presence of many different SGBs (Ferraro et al. 2004, B04) . It is the combination of spectroscopy of SGB stars with high-accuracy photometry that will allow us to shed new light on the star-formation history of ω Cen.
In Section 2 we present the photometric data. The new color-magnitude diagrams (CMDs) are shown and discussed in Section 3, while the spectroscopic data are presented in Section 4. Section 5 deals with the terminology of populations. In Section 6 we discuss the abundance measurements, which in Section 7 are compared with the results of P05 and of other investigators. Section 8 discusses the implications of the photometric and the spectroscopic results on the SGB multiplicity. In Section 9 we present relative age measurements for the spectroscopic target stars. A final section discusses the implications of the observational facts presented in this paper for the stellar population in ω Centauri and for the origin of this anomalous cluster.
Photometry

HST data
Our photometric HST study is based on a mosaic of 3×3 HST ACS/WFC fields taken in . Each of the fields has exposures of 3×340 + 12 sec. in F435W, 3×340 + 8 sec. in F625W, and 4×440 sec. in F658N (H α ). The images were reduced using img2xym WFC.09x10, which is a publicly available FORTRAN program described in Anderson & King (2006) . The program finds and measures each star in each exposure, by fitting a spatially variable empirical PSF. We collated the independent measurements of the stars into a master star list that covers the entire mosaic field. For each star we constructed an average magnitude in each band, and computed errors from the agreement among the independent exposures. The instrumental magnitudes were transformed into the ACS Vega-mag flight system following the procedure given in Bedin et al. (2005) , using the zero points of Sirianni et al. (2005) . To calculate our aperture corrections we used single DRZ images with the longer exposure time. Figure 1 shows our color-magnitude diagram (CMD). We believe that this is the most accurate CMD ever published for this cluster. In the present paper we discuss the subgiant region and the upper part of the main sequence; later papers will deal with other features.
WFI data
The ground-based component of our photometry is based on 187 images taken from 1999 to 2003 with the WFI@ESO2.2m camera (hereafter Fig. 1 .-Our CMD of ω Centauri, from the photometry of more than a million stars in the central 3 × 3 ACS fields. WFI). Exposure times cover the range 5-1800 seconds in Johnson U , B, and V , and in Cousins R C and I C , plus some observations with the 665 nm and 658 nm narrow-band filters. The images were reduced using img2xym WFI, software developed specifically for the WFI camera and described in . The program works in a way quite similar to img2xym WFC.09x10, from which it was derived. We carried out photometry and astrometry of about 30,000 stars. Taking advantage of the 4-year temporal baseline, we derived proper motions, which, after application of corrections for differential chromatic refraction, allowed a very good cluster/field star separation.
The whole WFI data set will be the subject of a separate paper. For the present study we used the WFI data to choose the spectroscopic targets and to derive their atmospheric parameters.
Structure within regions of the CMD
Our new CMDs provide us with three kinds of information. First, they allow us to delineate sequences better than we could before. Second, in several cases they show us connections between populations in different regions of the CMD.
Third, when combined with spectroscopic abundances for a modest number of stars, they will provide a crucial correspondence between abundancebased populations and photometry-based ones.
Main sequence
With our new more accurate photometry we can now study the double part of the main sequence more carefully. Since the split is not at all clear in the MS area of Fig. 1 , we plot in the left panel of Figure 2 only a randomly chosen 4% of the stars, while the middle panel shows a randomly chosen 6% of the stars on an expanded color scale, with a hand-drawn fiducial sequence subtracted out. These percentages were chosen to reduce the number of stars to a level that would enable these two plots to give a clear visual impression of the MS split. Our quantitative result is in the right-hand panel, which shows histograms of the colors of all of the stars, in quarter-magnitude intervals. The distributions corresponding to the two sequences overlap, but they clearly define two groups of stars, the first at m F435W − m F625W ∼ 0 in the straightened figure and the second at m F435W − m F625W ∼ −0.05-the rMS and bMS of B04, respectively-groups that are quite distinct, at least in the magnitude interval 20.5 < m F435W < 22.5. The two MSs tend to merge at brighter and fainter magnitudes. No additional splits are apparent within these two sequences (See also the discussion in Sollima et al. 2006b.) We can also analyze another population aspect of the MS. As was noted by Sollima et al. (2005a, hereafter S05) , in Fig. 1 the detached red-giant sequence RGB-a apparently continues through the subgiant region (SGB-a) and then merges into the main sequence. With our new photometry we can follow it part way down the MS, as shown in Figure 3 . In the histograms the sequence, whose main-sequence turnoff in Fig. 1 is at B = 19.4, is visible as a secondary maximum down to B = 20, and appears to create an extension of the color distribution down at least to B = 21. By analogy with RGB-a, we call this MS-a.
In Fig. 2 and Fig. 3 we can see that where the bMS and rMS are better separated, MS-a is blended with the rMS. Because of this blend, we can measure the fraction of stars belonging to the bMS only with respect to the total MS population. We find that the bMS contains ∼33% of the main-sequence stars. This value will be useful in our later discussion. Here we note that Sollima et al. (2006b) have found a strong radial gradient for the ratio of bMS/rMS stars, for distances r > 8 arcmin from the cluster center. Interestingly enough, while we confirm their external gradient with independent HST data, the radial distribution of the bMS/rMS stars within our 3 × 3 ACS field is flat (Bellini et al., in preparation) . Therefore the fraction of bMS stars with respect to the the other main sequence stars stays constant within the HST field analyzed in the present paper.
Subgiant region
We now turn to the subgiant region, which in the rest of this paper we will use as a key to the multiple populations of ω Centauri. Figure 4 shows an enlargement of that part of the CMD. This region is even more complex than the main sequence. In the lower part of the figure is a histogram of the star numbers within the parallelogram shown, summed parallel to the short edge and plotted against a coordinate (X) that runs along the long edge, with zero point at the heavy line in the upper panel. Along with the four distinct peaks labeled A, B, C, and D, there is a broad distribution of stars in the interval −0.8 < X < −0.45. These populations are better identified in the Hess diagram of the region that is plotted in Fig. 5 . We will refer to them as SGB Groups A, B, C, and D.
Here we are facing important evidence that we will try to interpret in later sections: the number distribution of the SGB stars across the CMD is significantly different from what we would have expected from the distribution of the stars across the branches of the main sequence. The rMS and bMS of B04 correspond to two distinct groups, separated in color and with different metal and helium content (P05), and without any apparent substructures (as shown in Fig. 2 ). To these two sequences we need to add MS-a, on the red side of the rMS, which we have clearly identified in Fig. 3 , and which apparently continues into SGB Group D and then into RGB-a. From the distribution of the stars on the MS, we would have expected to see only three distinct SGBs, one including all of the stars that have a metallicity similar to that of the bMS, one with the stars that have the metallicity of the rMS, and a third component coming from the reddest MS of Fig. 3 , which is identified with SGB Group D. Contrary to these expectations, the SGB region shown in Fig. 5 is split into many different branches, with stars distributed into a CMD region spanning 0.6-0.8 magnitude in m F435W , if we exclude SGB Group D, or more than 1.2 magnitudes if we include it. It is important to note that this magnitude range is more than twice as large as the 0.4-0.5 magnitude that would be expected from the metallicity range covered by the ω Cen stars if we assume that all of them have the same age, as can be seen from isochrones published by Pietrinferni et al. (2004 Pietrinferni et al. ( , 2006 .
Continuity between regions
The continuity of the sequences that correspond to the four SGB groups is fairly clear within the SGB region, but it is not always obvious how they connect with sequences in other parts of the CMD (both MS and RGB). In particular, it is not at all clear how SGB Groups B and C connect with the MS. At this stage, however, we can make the Fig. 3. -The reddest branch of the main sequence, which connects with SGB-a. In the left panel is an enlargement of part of the CMD, with a fiducial sequence drawn through the reddest branch. In the middle panel the colors of the fiducial sequence are subtracted off, and at the right are histograms of 0.25-magnitude intervals.
following simple connections:
• SGB Group D connects with the reddest branch of the MS, MS-a, as can be seen from Figs. 3-6. Figure 6 is very similar to panel e of Fig. 1 in B04, but to avoid confusion it displays a randomly selected subsample of the stars in the ACS fields. As in B04, here we use the m Hα vs. m F435W -m Hα CMD in order better to show the separation between the two branches in the upper part of the MS.
• It is clear that the rMS continues into the upper SGB (which in the preceding subsection we named Group A), as shown in Figure 6 .
• The bMS can be followed up nearly to the turn-off, as can be seen in Fig. 6 . It then continues into the SGB region, where it is no longer possible to follow it clearly. It is also clear that SGB Group A cannot account for all of the rMS stars. We estimated the rough number of stars in each group of Figs. 4 and 5 by fitting four Gaussians centered on the four peaks of the histogram of the lower panel of Fig. 4 (see Section 8). SGB Group A contains about 33% of the SGB stars, much less than the fraction of MS stars that belong to the rMS (in our HST field, about two thirds). We will resume this discussion at the end of Section 8, where we will be able to combine this information with what comes from the spectroscopic analysis.
Spectroscopic observations and data reduction
The spectroscopic data come from ESO DDT time [proposal 272.D-5065(A) ], and were collected in April-May 2004 with FLAMES@VLT-+GIRAFFE. The sky was clear, and the typical seeing was 0.8 arcsec. We used the MEDUSA mode, which obtains 132 spectra simultaneously. To have enough S/N , and in order to cover the wavelengths of interest, in the spectrograph we used the LR2 set-up, which gives R = 6400 in the 3960-4560Å range. Thirty-four GIRAFFE fibers were placed on stars of the blue and red branches of the MS; the results from those spectra have already been presented in P05. The remaining fibers were placed on SGB stars (88 fibers) and on the sky (10 fibers). Twelve one-hour spectra were obtained for each target.
Twenty-two target stars were selected from the 3×3 mosaic of HST fields presented in Section 2.1. An additional 66 SGB stars were selected from the ground-based ∼ 34 ′ × 33 ′ ESO/WFI@2.2m field. Its coverage includes the region of the HST fields for which photometric results were presented in . By contrast, the bMS can be followed only up to the TO (blue line), then it spreads into the SGB region. Section 2.1. Eight of the WFI stars were eliminated from our list because their radial velocity was not compatible with the cluster velocity and we therefore considered them to be field stars. The coordinates of our final targets are reported in Col. 2 and 3 of Table 1 (HST sample), and Table 3 (WFI sample). Note that the center of the cluster (which can be used for radial distance determination of the the target stars) is at α = 201.
• 691208, δ = −47.
• 476861.
The data were reduced using GIRAFFE pipeline 1.12 (Blecha et al. 2000) , which corrects the spectra for bias and flat-field. (See http://girbldrs.sourceforge.net/ for documentation on the GIRAFFE pipeline and software.) Then each spectrum was corrected for its fiber transmission coefficient, which was found from five flat-field images, by measuring for each fiber the average flux relative to a reference fiber. A sky correction was applied to each stellar spectrum by subtracting the average of ten sky spectra that were observed simultaneously with the stars (same FLAMES plate). The wavelength calibration uses both prior and simultaneous calibrationlamp spectra. Finally, each spectrum was normalized to the continuum, i.e., divided by a low-order polynomial that fits its continuum. The resulting spectra have a dispersion of 0.2Å/pixel and a typical S/N ∼ 100-150. We used the gyCrossC.py utility of the GI-RAFFE pipeline to measure the radial velocity, which we then converted to heliocentric. The resulting velocities for the member stars (RV H ) are given in Tables 1 and 3 , and shown in Fig. 7 , where we plot radial velocity vs. metallicity. (See Section 6 for the metallicity determination.) In this figure and in a number of others, we distinguish between the HST sample (large symbols) and the WFI sample (small symbols), because they are at different distances from the center of the cluster, and later studies might want to make this distinction. The error in radial velocity is typically about 2-3 km/s. All the stars have the same radial velocity within ±20 km/s. Considering the mean radial velocity of ω Cen (∼232 km/s, Reijns et al. 2006) , the velocity dispersion in the inner part of the cluster (∼15 km/s, Reijns et al. 2006 ) and the observational errors, all of the stars in Fig. 7 appear to be cluster members.
Terminology
At this point it is appropriate to consider what terminology we should use to identify the different populations of ω Cen.
As the number of sequences recognized in the CMD of ω Cen has increased, the number of designations for them has increased even faster. For the SGB, a useful terminology was introduced by Sollima et al. (2005a) , who, by analogy with their terminology for the RGB (Sollima et al. 2005b ), referred to the most metal-poor, most luminous of the subgiant branches as SGB-MP, the less luminous, less metal-poor subgiant region, with two populations, as SGB-Mintn (where n is 2 or 3), and the anomalous, apparently detached, faintest subgiant branch as SGB-a.
It is tempting to continue to use the same suffixes to identify the different SGBs, but the problem has become more complicated, because a new distinction must now be made. Whereas previous authors have referred to populations either by their metallicities or by locations in the colormagnitude diagram, in the present paper we will be showing that these two types of population criterion are not equivalent. It is therefore important that our terminology distinguish between them. What we will do here is to continue to refer to metallicity groups by the suffixes introduced by Sollima et al., but to introduce also, where necessary, new terms to distinguish populations according only to their locations in the CMD.
We will therefore use the suffixes -MP andMint2 only to designate stars whose [Fe/H] values correspond approximately to those of the corresponding SGB metallicity groups of Sollima et al. (2005a) . (Our sample does not happen to include any stars that belong to the Sollima et al. SGBMint3 group.) For sequences that have been identified photometrically, we use terms such as "SGB Group A". In the case of populations for which we use the suffix -a, however, we do not make a distinction, because at present neither their mean metallicity nor their metallicity dispersion is clear.
When we use the labels A, B, C, and D for groups in the SGB region, we should make it clear that these are arbitrary letters chosen for convenience and are not meant to imply that these are the only branches that will ever be distinguished. We also wish to make it abundantly clear that our designations within the CMD are meant for a particular region, such as MS, SGB, or RGB, and that the connections between such pieces are not necessarily known yet (see also Section 9 for a discussion).
Abundance measurements
In this Section we derive the Fe, C, N, Ca, Ti, and Ba abundances for the 22 stars from the HST fields, and the Fe abundances for the 58 stars selected from the WFI field. The measurement of Fe for the WFI stars is important in order to have a larger sample of stars for the estimates of relative ages that we will make in Sect. 9. The abundances of other elements for the WFI stars, however, are of less importance in the present paper, and will be presented in a future one.
For the stars in the HST field (Table 1) , we derived effective temperatures (T eff ) from the m F435W − m F625W color in the HST CMD. The relation between color and T eff , as a function of [M/H] (by which we mean the global metallicity, including alpha enhancement), was derived from isochrones by Pietrinferni et al. (2004 Pietrinferni et al. ( , 2006 . Colors were de-reddened using the absorption coefficients listed in Table 3 of Bedin et al. (2005) , adopting E(B−V ) = 0.115. As a first guess for the [M/H] to be used in the color-[M/H]-temperature relation, we adopted [Fe/H] = −1.5, the mean metallicity of ω Cen stars, along with an alpha enhancement of 0.3 dex; this enhancement is confirmed a posteriori by our abundance results. The [M/H] was derived from the adopted [Fe/H] and the alpha enhancement from the prescription by Salaris et al. (1993) , along with the corresponding T eff from the color-[M/H]-temperature relation. Using this value for T eff , we calculated log g and v t and measured a new [Fe/H] abundance as described below. Then for each star the values of T eff and [Fe/H] were changed in an iterative process, till convergence (when log g and v t no longer change by a significant amount).
We estimated the effect of variations in helium content and age on the relation between color and temperature, as follows. Using the same set of isochrones, we found that a variation ∆Y = ±0.1 in He content, and a ∆(age) = ±2 Gyr each imply a variation of ∼10 K in temperature for SGB stars, which translates into a change of ∼0.01 dex in metallicity. Such small changes can be neglected. The gravity log g was calculated from the elementary formula
The mass M/M ⊙ was derived from the relations of Straizys & Kuriliene (1981) for the given T eff , adopting a luminosity class IV for all the stars.
(Even though these relations were derived for Population I stars, using them for Population II stars produces a negligible error in gravity.) The luminosity L/L ⊙ was derived from the apparent magnitude V measured in WFI images, assuming the absolute distance modulus (m − M ) 0 = 13.75 found by van de Ven et al. (2006) , and the reddening adopted above. The bolometric correction (BC) was derived from the BC-T eff relation of Alonso et al. (1999) . Finally, the microturbulent velocity came from the relation (Houdashelt et al. 2000) v t = 2.22 − 0.322 log g.
For all the stars we found v t ∼ 1 km/s. For the stars in the WFI field, effective temperatures were the mean values of the temperatures derived from the color-[Fe/H]-temperature relations of Alonso et al. (1996) , Alonso et al. (1999) , and Sekiguchi & Fukugita (2000) , using the de-reddened B − V , V − I C , and V − R C colors. The log g and v t parameters were obtained as for the HST stars. The adopted atmospheric T eff and log g are listed in Tables 1 and 3 for the HST and WFI stars, respectively.
Since our scales of effective temperature were derived in different ways for the two different sets of targets (HST and WFI), we verified that they agree with each other. To this purpose, we measured the temperatures of the HST stars following the same procedure that was used for the WFI targets, i.e., using their WFI B, V , R C , and I C magnitudes, and the color-temperature relations of Alonso et al. (1996) , Alonso et al. (1999) , and Sekiguchi & Fukugita (2000) , in order to derive an independent value of T eff . We obtained temperatures which differ, on average, by less than 10 K from the T eff values that we had determined using the HST photometry and the Pietrinferni et al. isochrones.
The agreement between temperature scales implies that our adopted color-temperature relations are consistent with each other. We therefore expect that systematic differences between our metal abundances and those derived by others from these color-temperature relations and Kurucz model atmospheres will be negligible. On the other hand, our absolute metal abundances could have systematic errors of the order of 0.15-0.20 dex, because of systematic errors in effective temperatures, and uncertainties in model atmospheres and in reddening.
The metal content was obtained by comparison with synthetic spectra calculated using SPECTRUM, the local-thermodynamicalequilibrium spectral synthesis program freely distributed by Richard O. Gray. (See www.phys.appstate.edu/spectrum/spectrum.html for more details.) The model atmospheres of Kurucz (1992) , used throughout this paper, assume N He /N H = 0.1, corresponding to Y = 0.28 by mass. The bMS and, quite reasonably, the related SGB stars (i.e., stars with the same metallicity as the bMS stars), were assumed to have a helium content Y ∼ 0.38, in accordance with our assumption that the bMS stars are helium-rich. As discussed in P05, this increase in helium introduces an error smaller than 0.03 dex in the metal-abundance determinations, which is negligible. We firstly measured a metallicity index [A/H], as in P05. This index comes mainly from Fe lines, plus some lines of α-elements like Ca and Ti. (See P05 for its exact definition.) We chose this index because it is the metallicity index used by P05, and we wanted to compare the results of this paper with the results of P05. They had to resort to [A/H] (and not [Fe/H], as we will do in the present paper) because of the lower S/N of their spectra. P05 called their metallicity index [M/H]; here we prefer to use a different name in order to avoid confusion with the symbol [M/H] that is commonly used for global metallicity, as we did above.
Our [A/H] values were obtained from a comparison of each observed spectrum with five synthetic ones (see Fig. 8 ), calculated with different metal abundances but with other element ratios as in the Sun. We normalized these spectra to the continuum, as we did for the observed spectra. The comparison was done in the 4400-4450 A interval, because this region contains numerous metal lines (mainly due to Fe-peak elements, with a few strong Ca and Ti lines) but has few lines due to molecules (CH and CN), and no strong H lines. The synthetic spectra were smoothed to the resolution of the observed spectra. The metallicity was obtained by two different methods. The first one is the method used by P05: their [A/H] is the value that minimizes the r.m.s. scatter of the differences between the observed and synthetic spectra (as illustrated in the upper panel of Fig. 9 ). In the second method, we measured an equivalent width (EW) for the whole 4400-4450Å region. The EW of the observed spectrum (EW obs ) was then divided by the EWs of the theoretical ones (EW synth ), and an empirical relation was derived between EW obs /EW synth and [A/H] (as shown in the lower panel of Fig. 9 ). The resulting [A/H] is the value that corresponds to EW obs /EW synth = 1, as obtained from interpolation in the empirical relation. We have verified that the metallicities obtained in these two ways agree within 0.05 dex, allowing us to estimate that the error due to the methods is less than 0.03 dex. The final adopted metallicity is the average of the values from the two methods. As a test of our methodology, we used a solar spectrum from the ESO archive (http://archive.eso.org/), obtained with the same instrument and the same configuration (FLAMES@VLT+GIRAFFE, LR2 mode), and we calculated a synthetic spectrum for the Sun using the canonical solar atmospheric parameters (T eff = 5777 K, log g = 4.44, v t = 0.8).
We verified that our procedure (i.e., the program, the model atmosphere, and the line list used) reproduces the strengths of the solar spectral features. For this purpose we measured the abundances of the Sun for the elements considered in this paper by the same method used for the target stars. To these errors we should add (in quadrature) the error due to photometric uncertainty in the colors; the error in color is typically of the order of 0.01 magnitude, which translates into a 0.02 dex error in abundance. After allowing also for the error that comes from the uncertainty in the He content (less than 0.03 dex, as we have shown in P05), we adopt an overall uncertainty of 0.06 dex for [A/H] and 0.08 dex for [Fe/H] . This is the internal error in our metallicity measurement. In addition there can be a systematic error of the order of 0.15-0.20 dex, because of systematic uncertainties in effective temperatures, and uncertainties in model atmospheres and in reddening. The systematic errors do not affect the relative metallicities of the different stellar populations of ω Cen that we will discuss in later sections.
As a final test, we considered the possible contamination of the spectra by close neighboring stars. This problem might affect the metallicity measurement of the HST targets, which are all near the rather crowded center; all WFI targets are located in much less crowded outer regions. In the HST images, we measured instrumental magnitudes of the target stars and the neighbors, and their separations. In order to minimize contamination, the choice of stars for targeting had not allowed any star with a neighbor that is closer than 2.4 arcsec (twice the diameter of a fiber) and is fainter by less than 2 magnitudes. There is, in fact, one neighbor 0.6 arcsec from a target star, but it is ∼2.5 magnitudes fainter. For this worst case we calculated synthetic spectra for the neighbor and for the target star, assuming as worst-case metallicities [Fe/H] = −1.7 for the target star and [Fe/H] = −1.1 for the neighbor. We summed the two spectra, weighting for the magnitude difference and for the flux captured by the fiber, and derived a metallicity [A/H]; the result differed by less than 0.03 dex from the metallicity of the target star.
In addition to [Fe/H], we were also interested in the abundances of other elements. We have been able to measure the abundances of C, N, Ca, Ti, and Ba for the 22 HST stars. Calcium, titanium, and barium abundances were obtained from the spectral lines of Ca I at 4435Å (Fig. 10) , Ti II at 4468Å (Fig. 11) , and Ba II at 4454Å (Fig. 12) . Carbon abundances were obtained by comparing the observed spectra with synthetic ones in the spectral region 4300-4330Å (see Fig. 13 ), which includes the ∆v = 0 strong band heads of the A 2 ∆ -X 2 Π transition of CH, computed with appropriate model-atmosphere parameters, and different values of the C abundances. Nitrogen abundances were found by a similar comparison for the region 4200-4225Å (see Fig. 14) , which includes the ∆v = −1 band heads of the X 2 Σ -B 2 Σ CN transition. All the abundances are listed in Table  2 . An upper limit for the errors in C, N, Ca, Ti, and Ba content was calculated by assuming that the abundances of these elements are the same within the intermediate-metallicity popula-tion (SGB-MInt2) and within the metal-rich population (SGB-a), and calculating the average r.m.s. spread of the measured abundance distributions of these five elements. (See Sect. 5 for definitions of these populations.) The final error is ∼0.1 dex. This error should be considered an overestimate of the uncertainties in the C, N, Ca, Ti, and Ba abundances, because of the possibility of an intrinsic dispersion for these elements among the measured stars. In any case, we cannot do better, because the abundances were obtained from a spectral interval that is too small (too few lines) for us to apply the compare-two-halves method that was used to estimate the uncertainty in [A/H]. stars, but it does give the shape of the distribution). In the figure we can distinguish three groups of stars, whose average metallicities are in agreement with three of the four metallicity groups in the recent spectroscopic survey of SGB stars in ω Cen by S05, who found four populations running through the SGB region. We can identify our peak at [Fe/H] ∼ −1.7 with their SGB-MP and our peak at [Fe/H] ∼ −1.4 with their SGB-MInt2.
Discussion of the spectroscopic results
[We omit the Mint1 of the Sollima et al. (2005b) photometric paper that deals only with the RGB, as it does not appear in their spectroscopic paper (2005a = S05) on the SGB. Also, our sample does not include any stars in the part of the CMD where they identify a fourth component, which they call SGB-MInt3.] Our peak at [Fe/H] ∼ −1.1 can be identified with their SGB-a.
The SGB-a group needs some further comments. There is no doubt that as defined by S05 (see their Fig. 1) , this is the faintest SGB, corresponding to our SGB Group D. Therefore SGB-a is well identified, at least from the photometric point of view. However, it is not at all clear why S05 assign a metallicity [Fe/H] = −0.6 to this group of stars. Indeed, panel d of their Fig. 4 shows that the SGB-a stars in their sample have a doublepeaked metallicity distribution, with one peak at [Fe/H] ∼ −1.0 (as confirmed by our observations), and a second one at [Fe/H] ∼ −0.6. Unlike S05, in our survey we have not identified any stars with [Fe/H] ∼ −0.6, but their absence may be due to the small number of SGB-a stars that we observed. On the other hand, Pancino et al. (2002) found [Fe/H] ∼ −0.6 ± 0.15 from high-resolution spectroscopy of three stars on RGB-a (which appears to be the continuation of SGB-a on the RGB), confirming the presence in this sequence of a population with a metallicity as high as [Fe/H] = −0.6.
The dispersion of the stars of SGB-a in the CMD (as shown in Figs. 4 and 5) is clearly not consistent with as broad a dispersion in the metal content of the SGB-a stars as was found by S05. To show this we compared two isochrones from Their separation in magnitude is more than twice as large as the magnitude dispersion actually observed in SGB-a. One possible explanation for the large metallicity spread in the SGBa sample of S05 is that their [Fe/H] estimates are based on the Ca II triplet. Such measurements are subject to large errors, because the relation between the equivalent width of the Ca II triplet and [Fe/H] depends strongly on the gravity (which corresponds to luminosity). S05 noted that they needed to calibrate this relation, but the catalog of reference spectra that they used includes very few stars in the appropriate ranges of temperature and gravity. Their SGB-a sample spans more than a magnitude in R; it is not out of the question that such a large magnitude spread could be at least partially responsible for the large metallicity dispersion that they find for the SGB-a stars. To complicate the scenario further, the referee has noted that Norris & Da Costa (1995) found a group of RGB stars with [Fe/H]∼ −1.1, which are apparently not present in RGB-a. This means that in the RGB region there are two groups of stars, one with [Fe/H]∼ −1.1, and a second with [Fe/H]∼ −0.6. The former could be the progeny of our SGB-a stars. In short, we believe that the problem of the metal content of the SGB-a stars and of a possible dispersion in it, and the problem of the connection of the SGB-a sequence with the RGB-a of Pancino et al. (2000) , and with the RGB in general, are both still open, and require further investigation.
Comparison with P05
In order better to understand the connection between the multiple SGBs in ω Cen and the multiple MSs, it is useful to compare the results presented in this paper with those of P05. There it was found that [A/H] = −1.57 for the rMS and [A/H] = −1.26 for the bMS; when we apply the At this point, on the basis of the metallicity measurements available, it is very tempting to identify the SGB-MP stars as the progeny of the rMS stars, and the SGB-MInt2 stars as the progeny of the bMS stars. We will return to this question in later sections.
In P05 we determined the abundances of C, N, and Ba. Here, in addition to those we have extended our analysis to include the α-elements Ca and Ti. Figure 16 As a final point, it is worth noting that the C and N content of the SGB-MInt2 population (as well as of the metal-rich one) is consistent with what is predicted by Maeder & Meynet (2006) for star-forming gas contaminated by the ejecta of fast-rotating metal-poor massive stars; most importantly, this could explain the very high He yield implied by the results of P05 (see Maeder & Meynet 2006 for further details).
Comparison with other investigations
The metallicity groups identified in Fig. 15 correspond to similar groups already identified on the RGB of ω Cen, and the average metallicity of all our SGB stars is in general agreement with the results of Suntzeff & Kraft (1996) , Norris et al. (1996) , Pancino et al. (2000) , and Rey et al. (2004) . In fact, these previous studies show the presence of at least three peaks in the metallicity distribution of the RGB stars of ω Cen, the first at [Fe/H] ∼ −1.7 (corresponding our SGB-MP group), the second at [Fe/H] ∼ −1.4 (corresponding to our SGB-MInt2), and the third at [Fe/H] ∼ −1.0 (corresponding to our SGB-a).
It is useful to compare our results for the abundances of C, N, Ca, Ti, and Ba in SGB stars with those of Norris & Da Costa (1995, hereafter ND95) for the RGB stars, as ND95 present the most complete and extended results on the chemical composition of ω Cen. ND95 found a large spread in [C/Fe], which spans the interval from −0.8 to +0.2 dex; the spread is clearly present in the entire metallicity range (−1.8 < [Fe/H] < −0.8) covered by the stars of their sample. We found −0.2 < [C/Fe] < 0.4, with a tendency for the most metal-poor stars to have a C content higher by ∼0.2 dex. The offset between the C abundances obtained in this paper and those of ND95 can be explained by the different evolutionary phase, since it is well known that stars brighter than the RGB bump (as are those observed by ND95) are depleted in C with respect to subgiants (see Gratton et al. 2000) . As for the N content, the agreement is less satisfactory, though we must take note of the large errors (0.5 dex) of the ND95 measurements of N abundances. ND95 found a large spread in [N/Fe], spanning the interval from 0.0 to 1.0 dex at every metallicity. On average, our [N/Fe] values are larger by ∼0.6 dex. (Also, ND95 notice that their mean [N/Fe] value is 0.4-0.5 lower than in other work, e.g., Brown & Wallerstein 1993.) We also find a large dispersion in [N/Fe] for the SGB-MP, while at higher metallicity we have [N/Fe] ∼ 1.6 with a small dispersion. There is good agreement between our study and ND95 when we consider Ca and Ti (both of them alpha elements). Both the present paper and ND95 find for the stars of ω Cen the alpha-element overabundance of about 0.3-0.4 dex that is typical of intermediate and metal-poor globular clusters. There is agreement between the Ba content measured in the present work and that of ND95, for the SGB-MP stars (with a small overabundance, by 0.1-0.2 dex, in our results), but at higher metallicity we have an overabundance of ∼0.3-0.4 dex with respect to ND95.
Another important contribution to knowledge of the chemical composition of ω Cen was made by Smith et al. (2000) . In this case, our results agree well: Smith et al. found a Ca and Ti content between 0.2 and 0.4 dex, as we do; but, more interesting, the Ba abundance also agrees, with the bulk of stars in their paper having [Ba/Fe] between 0.5 and 1.0 dex.
The structure of the subgiant branch
At this point it is very instructive to put together the results from the photometric and the spectroscopic investigations, in order better to characterize the structure of the SGB of ω Cen, the distribution of the stars along it, the properties of the stars in the different SGB groups, and the connection of the SGB sequences with those in the MS and RGB regions.
On the basis of the results of P05 on the metal content of the two MSs in ω Cen, and of the metallicity measurements presented in the present paper, it seems appropriate to identify the SGB stars in the group that has [Fe/H] ∼ −1.7 (SGB-MP) as the progeny of the rMS stars, and the SGB population that has [Fe/H] ∼ −1.4 (SGB-MInt2) as the progeny of the bMS stars, as discussed in Section 7.1. In order to complete the observational scenario, Figs. 17 and 18 show the location in the CMD of the SGB stars whose metal content we have measured. Figure 17 is limited to the HST spectroscopic sample, and shows the CMD from the HST data. Figure 18 shows all of the target stars, in a CMD that combines HST and WFI data. Note that our HST and WFI photometries have nearly the same accuracy; although in uncrowded regions our HST photometry tends to be more accurate than ground-based photometry, the HST fields used here are in the crowded central part of the cluster. Even so, the much larger HST sample gives better separation of the different SGB groups. From Figs. 17 and 18 we can conclude that:
• All of the stars in our sample that come from SGB Group A (which peaks at X = 0 in Fig. 4 ) are metal poor and fall within the SGB-MP metallicity group. As discussed in Section 7.1, the SGB-MP stars have the same metal content as the rMS stars. As suggested by the CMD of Fig. 6 , the spectroscopic results confirm that the SGB stars of group A are probably the progeny of the rMS.
• The SGB-MP stars (−1.90 ≤ [Fe/H] ≤ −1.50) show a large magnitude dispersion, ∼ 0.5 mag in m F435W or B.
• None of our intermediate-metallicity SGBMInt2 stars (−1.50 ≤ [Fe/H] ≤ −1.25) is located on SGB Group A; apparently, SGBMInt2 stars are fainter (X < −0.1) than SGB Group A.
• The SGB-MInt2 stars also show a large dispersion in magnitude, though a smaller one than the SGB-MP stars: ∼0.3 magnitude in m F435W or B. As discussed in Section 7.1, the SGB-MInt2 stars have the same metal content as the bMS stars, and therefore at least part of them are likely to be the progeny of that sequence.
• The stars in the faintest SGB group, D (the peak at X = −0.95 in Fig. 4 ), all have [Fe/H] ∼ −1.1.
• None of the stars in our sample, not even the three stars in SGB group D, have [Fe/H] ∼ −0.6.
• There is one star (No. 6808) that has [Fe/H] = −1.1 (and therefore belongs to the SGB-a metallicity group) but is located in the uppermost SGB group, A, in the CMD. It is marked in Fig. 17 . It is well separated from any neighbors in the ACS field, and its photometric measurements pass all of the selection criteria that identify the stars with the best photometry in the ACS catalog. We consider its location in the CMD to be well established.
• Unfortunately, our sample contains no stars in the range −0.80 < X < −0.45 in Fig. 4 (which should correspond to the SGB-MInt3 group of S05).
With the help of the histogram in the lower panel of Fig. 4 , and taking into account the conclusions just stated, we can make a rough estimate of the fraction of stars in each of the SGB populations. We began by fitting four Gaussians to the distribution of SGB stars shown in the lower panel of Fig. 4 , centered at the four peaks marked in the histogram. We then integrated the areas under these Gaussians, and found that SGB Group A includes ∼33% of the total stars, SGB Group B ∼29%, SGB Group C ∼20%, and SGB Group D (which corresponds to SGB-a) ∼10% of the total SGB population. The remaining ∼8% is distributed in the region corresponding to −0.80 < X < −0.45.
The Subpopulations of ω Cen
Before trying to understand the formation history of this intriguing cluster, we need to identify and characterize each of its discrete subpopulations. Individual subpopulations can be identified either photometrically, from position in the CMD, or spectroscopically, by metallicity. To complicate the issue, while such identifications can be made separately on the main branches of the CMD (MS, SGB, RGB, HB), for most cases in ω Centauri it is not obvious from the CMD alone how a population identified on a specific branch connects tonthose on other branches, and, in particular, which are the MS and RGB partners of a given SGB population.
On the MS we have three well-identified populations (see Figs. 2 and 3) , which in Section 3.1 we called rMS, bMS, and MS-a. On the SGB there are four different sequences (see Figs. 4 and 5), which in Section 3.2 we called SGB Groups A, B, C, and D, and there is a hint of a fifth sequence at a position intermediate between Groups C and D. The RGB has a very broad component, and a much redder component that is clearly detached. According to Sollima et al. (2005b) the RGB splits into five subcomponents, which they call RGB-MP, RGB-Mint1, RGB-Mint2, RGB-Mint3, and RGB-a, in order of increasing metallicity. While RGB-MP and RGB-a are well-established components, in the CMD of Fig. 1 we cannot clearly distinguish the three RGB-MInt populations, partly because stars in the upper part of the RGB are saturated in our images, and this degrades the quality of our photometry. Therefore we cannot directly confirm the significance of all of the components proposed by Sollima et al. (2005b) , despite the fact that our CMD includes a larger sample of stars because of our somewhat larger area.
The SGB offers one unique opportunity for identifying subpopulations. On the main sequence, stars that have the same composition occupy the same position regardless of age, so that different ages cannot be distinguished, while on the RGB the substructure is controlled mainly by the metallicity distribution. Thus only the SGB can be used to estimate relative ages of the various subpopulations.
Several questions naturally arise from this empirical taxonomy of the various CMD branches: 1) How does each of the 5 SGB components map into the MS and RGB components? 2) What are the age, metallicity, and helium content of each subpopulation? 3) What fraction of the total number of stars belongs to each subpopulation?
Identifying evolutionary connections between MS, SGB, and RGB
The first question can be addressed using three complementary kinds of evidence: a) the morphological continuity from one branch in the CMD to another, b) the relative numbers of stars on the various branches, and c) the spectroscopic metallicities of individual stars on the various branches. The information that is available is summarized in Table 4 . Each column refers to a different section of the CMD and lists the groups that we recognize there. For each group we give the name, the percentage of the stars that belong to that group (with each column adding up to 100%), and the metallicity [Fe/H] . In Table 4 , we indicate more than one [Fe/H] value if it appears that one group identified on the CMD may include stars belonging to different metallicity groups. MS and SGB percentages and metallicities are from the present study and P05. For the RGB we have adopted the nomenclature, percentages, and metallicities from Sollima et al. (2005b) 
An inspection of the various CMDs (e.g., as in Fig. 6 ) allows us to identify only two quite obvious connections, namely rMS → SGB Group A → RGB-MP, and MS-a → SGB Group D → RGBa. Further insight can come from considering the relative percentages of the groups in the different branches. Note, however, that one does not expect the relative percentages of a given population to be exactly the same in all regions of the CMD. In fact, on the MS a given magnitude interval corresponds to different stellar mass intervals for different compositions, and the evolutionary rates on the SGB and RGB are also a function of composition. However, these effects are typically at the level of 10-20% (cf. Fig. 13 in Zoccali et al. 2003) and will be ignored here.
In spite of the clear morphological connection rMS → SGB Group A, this cannot be the whole story, because the percentages do not match, as is shown clearly in the first of the five sections of Table 4 . The rMS makes up a much larger fraction of the MS than Group A does of the SGB; many of its stars must therefore evolve into other parts of the SGB. Since our spectroscopic investigation found that SGB Groups B and C also include stars with [Fe/H] ∼ −1.7, we suggest that the other rMS stars evolve into these two groups, although there is no indication of the proportions. But in any case, all of the metal-poor stars with [Fe/H] ∼ −1.7 must eventually connect to the the RGB-MP population, whose percentage is not totally inconsistent with that of the rMS group.
We now come to the helium-rich bMS population. Combining the photometric and spectroscopic information of Fig. 6 and of Figs. 17 and 18, we conclude that the bMS must continue through SGB Groups B and C, though it is not clear in what proportion.
The subsample of SGB Group B and Group C stars with [Fe/H] ∼ −1.4 (which, given their metallicity, do not evolve into RGB-MP) must continue through RGB-MInt, as, presumably, must the stars between Groups C and D too. But it is not clear in what proportion they occupy the different RGB-MInt branches proposed by Sollima et al. (2005b) .
Finally, we note an apparent inconsistency between the percentages of SGB Group D and RGBa; the former includes ∼10% of the SGB stars, whereas the latter has only ∼5% of the RGB stars, although a tight connection between the two is apparent from the morphology of the CMD. However, we also find some inconsistency between our metallicity for SGB Group D, [Fe/H] = −1.1, and the metallicity found by Pancino et al. (2002) , [Fe/H] = −0.6 (an ambiguity that we also include in Table 4 ).
The relative ages of the subpopulations
The empirical facts that emerge from the present photometric and spectroscopic investigation can be summarized as follows:
• The stars that populate the SGB of ω Cen cover a large magnitude interval, up to ∼ 1.2 in m F435W or B. Four distinct SGB groups can be clearly identified, plus a possible fifth group that contributes a smaller percentage.
This contrasts with what one would have expected from the MS alone, where only three distinct stellar groups can be identified.
• SGB stars in the most metal-poor group ([Fe/H] ∼ −1.7) have a 0.3-0.4-magnitude spread in luminosity at a given color. The intermediate-metallicity group ([Fe/H] ∼ −1.4) also shows some evidence of a similar range in SGB luminosity at a given color.
• The most metal-rich stars ([Fe/H] ∼ −1.1) populate the faintest SGB, with a small dispersion in magnitude; however, one of them is 0.85 magnitude brighter in m F435W than the others.
The most straightforward explanation for the large magnitude dispersion of the metal-poor SGB stars on the flat part of the SGB is in terms of an age difference. An age difference is also indicated by the luminosity difference among intermediatemetallicity stars that populate SGB Groups B and C, though we know that the issue is complicated by the fact that more than half of the stars in these branches must be the progeny of the helium-rich bMS population. So for these branches we cannot firmly distinguish age effects from helium effects. It is important to note here that a spread in age has a negligible influence on the MS position, and its influence on the location of the RGB is also small. On the other hand, it has a great influence on the slope and location of the SGB in the CMD; however, the SGB location is also affected by the helium abundance.
Taking advantage of our accurate photometry and of the metallicity measurements from our spectra, we can now try to estimate the relative ages of the individual SGB stars. We do not attempt absolute age determinations here, however, because they would be sensitive to the assumed distance and reddening of the cluster, and to the photometric zero points that we have adopted. All that we assume is that the distance and the reddening are the same for all of the stars in the cluster.
For each metallicity we selected from Pietrinferni et al. To estimate the age of each individual star we first shifted the isochrones in magnitude and color by adopting the same reddening and distance modulus that we used in Sect. 6 to derive the atmospheric parameters of our stars. We then calibrated the X coordinate of Fig. 4 in terms of age, as follows. Taking advantage of the fact that in the SGB region all of the isochrones are almost parallel to the the heavy line in the upper panel of Fig. 4 , we derived an average X coordinate for each isochrone. We then calibrated the X coordinate as a linear function of age and metallicity, which finally allowed us to assign an age to each of our observed stars. We do not consider these reliable as absolute ages, however, so we converted them to relative ages, by assuming that the age of the oldest SGB groups corresponds to 13 Gyr (typical for a Galactic GC). The resulting relative ages are given in Table 2 for the HST stars, and in Table 3 for the WFI stars, and they are all plotted in Fig. 19 as a function of metallicity.
The internal errors of the relative ages shown in Fig. 19 were derived by adding in quadrature the effects of the photometric errors and the uncertainties in the metallicities. Additional errors come from the uncertainty in He content; this may affect the ages of intermediate-metallicity and metal-rich stars by ∼1-2 Gyr. We now comment on the resulting ages as displayed in Fig. 19 . Both the HST and the WFI samples show the same general trend. Figure 19 shows that the metal-poor stars have the largest age dispersion, and split into two distinct groups, one ∼30% younger than the other. In absolute terms, this would correspond to an age difference of 3-4 Gyr. Within the younger and the older metal-poor groups the relative dispersion is consistent with what is expected for the error budget. Two well-defined, distinct ages for the metal-poor stars are to be favored over an age dispersion, because this is what the discrete distribution of the stars on the SGB would suggest (see Figs. 4 and 5) . Our present spectroscopic sample is too small to conclude firmly whether we are dealing with two really distinct age groups, or whether there is instead a continuous distribution in ages, but The lefthand axis is fractional age relative to the age of the oldest stars, which was arbitrarily assumed to be 13 Gyr. The right-hand axis is absolute age, on the same assumption. Large symbols are HST stars, while small ones are WFI stars. Star 6808 is omitted from this figure. with two strong peaks at specific values. In any case, the empirical evidence is that the metal-poor SGB stars show age differences that correspond to a large fraction of the cluster age.
The intermediate-metallicity SGB stars have an age dispersion that is smaller, but still not negligible, spanning a relative age interval of about 20%, if we consider only the HST sample. Stars in this sample appear to be coeval with the younger of the metal-poor SGB groups. Note, however, that our intermediate-metallicity SGB stars could well include some stars with normal helium, in which case the age spread would have been overestimated.
Finally, the most metal-rich stars, SGB Group D, turn out to be as old as the oldest stars in the cluster, i.e., to be coeval with the oldest metal-poor SGB stars. Taking Fig. 19 at face value, one can hardly distinguish a unique agemetallicity relation. Rather, one can broadly distinguish four age/metallicity groups, namely, an old metal-poor and a young metal-poor population, a young intermediate-metallicity population, and an intriguing old metal-rich population. The young components are some 30% younger than the old ones.
As a check on these relative ages estimated by isochrone fitting, we turn to another widely used method, based on the luminosity difference between the HB and the main sequence turn-off (see, e.g., Iben & Renzini 1984) . We apply this method via two different approaches: First we use it to check the age of one of our SGB groups relative to that of another SGB group; then we use it to compare the age of one of the groups with that of another globular cluster.
To test the relative ages of groups, we used SGB Group A (the young metal-poor group), and SGB Group D (the old metal-rich group); these are the only groups for which the turn-off is clearly recognizable. We measured the F435W magnitudes and F435W − F625W colors of their turn-offs in our ACS photometry, and used Eq. (12) of Sirianni et al. (2005) , with coefficients taken from their Table  22 , to derive the V magnitudes of the two turnoffs. For the HB magnitudes we used data on RR Lyrae stars from Sollima et al. (2006a) , who gave metallicities and time-averaged V magnitudes for a sample of 74 RR Lyrae stars in ω Cen. These stars make up two distinct populations, one with an average [Fe/H] ∼ −1.7, and the other with [Fe/H] ∼ −1.2. We identify the former as the HB progeny of the SGB-MP population and the latter as the HB progeny of our SGB Group D. In this way we were able to derive the magnitude difference between the HB and the TO for each of our two selected groups. Comparing this empirical difference with the theoretical one derived from the models by Pietrinferni et al. (2004 Pietrinferni et al. ( , 2006 , we indeed confirm that SGB Group A appears to be ∼ 30% younger than the SGB Group D population.
We also followed an alternative approach, comparing SGB Group A directly with another GC of similar metallicity, M13. From Sollima et al. (2006a) we know that the average luminosity of the metal-poor RR Lyraes in ω Cen is V = 14.4, and we estimate V = 14.6 ± 0.1 for the lower envelope of the RR Lyrae distribution, which corresponds to the zero-age HB. In order to avoid transforming from the ACS photometric bands of Fig. 1 to the Johnson V band, we used our WFI photometry, and estimated V MSTO = 18.10 ± 0.25 for SGB Group A. Thus we have ∆V HB MSTO = 3.5±0.3. This value, though very uncertain, is typical for old globular clusters with intermediate metallicities. De Angeli et al. (2005) find a nearly identical value of ∆V HB MSTO for M13, a cluster whose metal content is similar to that of SGB Group A. However, we have argued that SGB Group A represents the youngest component in ω Cen; hence the older components would be significantly older than typical globular clusters, possibly resulting in an age that is embarrassingly old compared with that of the universe. We note at the same time that S05 needed an age of 16 Gyr to fit ω Cen (although we are reluctant to consider absolute ages in any case). Moreover, De Angeli et al. find for the GC M3, whose metallicity is also similar, an age only 3/4 as great as that of M13-perhaps not so surprising, however, since M3 and M13 are a well-known "second-parameter pair". This intriguing aspect requires further study, including a more accurate estimate of ∆V HB MSTO and, most importantly, a more thorough spectroscopic exploration of the various SGBs and HB components. Available spectroscopic data are still not sufficent to explore the absolute ages of the various components of ω Cen.
Large age differences among the stars of ω Cen are not a new finding. Smith et al. (2000) , by analyzing the pattern of s-process elements, suggested a prolonged process of star formation, lasting of the order of 2-3 Gyr. Hilker & Richtler (2000 argued for an extended star-formation period of up to 6 Gyr. Rough estimates of ages, both from broad-and narrow-band photometry, also show a large age spread, as presented by Hilker and Richtler (2000) , Rey et al. (2004) , and Hughes et al. (2004) . An age-metallicity relation was found by Stanford et al. (2003) from a combined photometric and spectroscopic study, with a mean age difference of 4-5 Gyr between the stars at [Fe/H] = −1.7 (our oldest SGB metalpoor group) and those at [Fe/H] ≃ −1.4 (our youngest intermediate-metallicity group). Hilker et al. (2004) also find an age dispersion, and they find an age-metallicity relation for stars with [Fe/H] < −1.0, with a difference of about 6 Gyr between the youngest and oldest stars in their sample; however, the young component of the metal-poor group is absent from their picture.
By contrast S05, using the same HST images that we used here and metallicities derived from the Ca II triplet, concluded that all groups are substantially coeval, within the ±2-Gyr uncertainty that affects their estimates. Our results agree with theirs only in that the most metal-rich component (SGB Group D = SGB-a) is found to be coeval with the oldest metal-poor group. Conversely, the strongest evidence for age differences comes from the luminosity differences among metal-poor SGB stars that we have documented here for the first time. We also note that S05 can argue for coeval subpopulations only after assuming a different helium content for each of them, rather than only for the bMS component, as in the present study.
In closing this section, we emphasize that we refer to age differences, as opposed to simply an age spread. This is justified by the clearly discrete structure of the SGB, which argues in favor of distinct episodes of star formation rather than a continuous, albeit fluctuating, star-formation history. We believe that this discreteness, together with a broken age-metallicity relation (with some metal-poor stars being younger than some metalrich ones), puts strong constraints on possible formation scenarios for this puzzling stellar system.
Discussion
Based on deep HST photometry of the central regions of ω Cen, and on high-resolution spectroscopy of a sample of SGB stars in the cluster, we have identified and characterized four distinct age/metallicity groups of stars. These groups include over 90% of the cluster population in the region that we have explored; our data do not allow us properly to characterize the remaining part.
These groups include:
1. An old and metal-poor population ([Fe/H] ∼ −1.7), with an age that we assume to be that of the oldest GCs of the Milky Way, ∼13 Gyr. This group appears to populate primarily the SGB Group C component, and makes up about a third of the metalpoor population of the cluster. Note, however, that because of photometric errors it is sometime difficult to tell whether an individual star belongs to SGB Group B or to Group C. 4. An old metal-rich group for which we find [Fe/H] ∼ −1.1, although both its average metallicity and the extent of a possible metallicity dispersion remain to be established better. For the metallicity that we have adopted, this group appears to be as old as the old metal-poor group, i.e., with an age of the order of our assumed age for the oldest population (∼13 Gyr). Its age would decrease by ∼1.5 Gyr if we were to adopt the higher metallicity [Fe/H] = −0.6 that is favored by Sollima et al. (2005a) . The group is confined to the region of SGB Group D, and includes ∼10% of the SGB stars in the part of ω Cen that we have explored. On the RGB side it connects to the RGB-a sequence of Pancino et al. (2000) , and on the main-sequence side it connects to the MS-a component that we have identified in Sect. 3 (see Fig. 3 ).
5. In addition, we have identified a group of stars, including about 8% of the cluster SGB population, that spread between SGB Groups C and D. No metallicity information is available for this small component, so that we cannot say anything about its age.
The first four groups can readily be recognized in Fig. 19 , and the occasional ambiguity in assigning stars to either SGB Group B or Group C can be appreciated in Figs. 17 and 18. 
Formation and evolution of the cluster
The diversity of ages and metallicities displayed in Fig. 19 eliminates once and for all the possibility that ω Centauri had its origin in a single progression of star formation and metal enrichment. There is no way in which, within the gravitational domain of a globular cluster, gas masses with different chemical compositions could have maintained separate identities until the time of latest star formation.
The structure of Fig. 19 bespeaks a multiplicity of origins. Indeed, a single developing population would follow a line that from the top left slopes downward and to the right, tracing the increase of metallicity with time. In Fig. 19 only the old metal-poor stars, joined with the younger intermediate-metallicity stars, could satisfy this chemical-enrichment criterion, even within the uncertainties of our ages and metallicities. However, the most metal-rich population, with its extreme old age, cannot fit into such a scheme. Rather, it must have come from a brief star-forming episode in a different region, where enrichment had proceeded very rapidly. By contrast, the large clump of points at the lower left, which seems to slope in the wrong sense, defies any simple chemicalevolution scenario. Overall, the mix of ages and metallicities in ω Centauri suggests multiple birth locations, followed by a later merging process.
This need for late merging seems to exclude the possibility of explaining ω Centauri as a merger of several of the fragments that went to make up the early Milky Way. Our Galaxy must have been fully formed, at least in its initial incarnation, long before the youngest metal-poor stars of ω Cen were born. Since the merger of several Milky Way globular clusters seems very unlikely, because of their small target cross-sections, we are led to the often-made suggestion that the cluster that we now see is the remnant of a dwarf galaxy that was captured by the Milky Way; what remains of it today would be the central core that was bound tightly enough to resist the tidal buffeting that removed the outer parts of the system. Such a central core could easily contain a broad mixture of the populations that had made up that galaxy. In order to allow time for the separate development of all the populations that we see, the cap-ture must have taken place several billion years after the birth of the Milky Way. The capture must have taken place far enough in the past, however, for tidal forces and orbital spreading to have dissipated any residual stream, such as the one in which the Sagittarius dwarf is still embedded. We also note that all four main age/metallicity components appear to be enhanced in α elements (see Fig. 16 ). Following the canonical interpretation, this would imply that each component underwent rapid chemical enrichment (hence remained dominated by SNII nucleosynthetic products), in spite of the large age differences among them.
The above conclusions seem fairly well established, but an alternative explanation has been advanced, which should be dismissed once and for all. It has been suggested, e.g. by Ferraro et al. (2004) and by Freyhammer et al. (2005) , that the stars that define some of the sequences discussed above might lie at a distance different from that of the other stars of the cluster. It strains credulity, however, to suggest that the mixture of populations could be explained by a simple alignment effect, since this would require two or more rich clusters along the same direction in the sky, with very similar radial velocities (as pointed out by P05, and shown in more detail in Sect. 4 of the present paper) and proper motions (whose similarity was shown by Anderson 2003 ). An alternative might be to assume that ω Cen is a very elongated object, and that we are looking at it along its major axis, but such an implausible structure would not be able to survive the strong dynamical interactions that ω Cen has with the Galaxy. Finally, the CMD in Fig. 1 shows that the most metal-rich population has a MS that is clearly on the red side of the other populations, in sharp disagreement with an explanation of this sequence as a difference in distance.
Further insight into the formation history of ω Cen may come from the internal distribution of the various subpopulations. Stars with different metal content appear to have a different radial distribution (Norris et al. 1996) , qualitatively consistent with the radial gradient in the bMS/rMS ratio reported by Sollima et al. (2006b) . Moreover, an asymmetric distribution with respect to the cluster center has been suggested by Jurcsik (1998) and by Pancino et al. (2003) . As a separate complication, Calamida et al. (2005) have claimed that ω Cen is affected by differential reddening. However, the sharpness of the sequences in our Figures 1-6 , especially SGB Group D and the upper edge of the MS turn-off region, suggests that the existence of any serious differential reddening is very unlikely.
Two more issues related to chemical abundances need to be addressed: the [α/Fe] ratios of the various subpopulations, and the origin of the helium enhancement that seems to exist in at least one of them. All 22 stars for which we have measured abundances of individual elements are high in Ca and Ti, indicating [α/Fe] ∼ 0.3-0.4, irrespective of their membership in the various subpopulations (Pancino et al. (2002) found [α/Fe] ∼ 0.10 for RGB-a; as we mentioned previously for [Fe/H] , there is a discrepancy between their results and ours. We note however, that their abundance study, like ours, included only three stars that belong to this population.)
An alpha enhancement is generally interpreted as evidence for prompt chemical enrichment, over a time scale shorter than the typical delay with which Type Ia supernovae released the bulk of the iron. This delay is traditionally assumed to be of the order of 1 Gyr, i.e., significantly shorter that the age differences that we have estimated for the various subpopulations. The fact that all components appear to be enhanced in α elements again argues for a short duration of the enrichment processes that preceded the formation of all the cluster subpopulations.
Following Norris (2004) and Bedin et al. (2004) , we share the view that the bMS component is enriched in helium. This is one of the most puzzling aspects of this exceptional object. When did the helium enrichment take place-before or after this population merged with the rest of the body of ω Cen? Are other subpopulations enriched in helium? The available data do not allow us to venture an answer to these questions. However, our understanding of the formation history of this object will not be complete as long as they remain unanswered.
Finally, we should not forget star 6808 (the brightest open triangle in Figs. 17 and 18) . As discussed in previous sections, we consider its metallicity and its position in the CMD to be quite well established. Still, it is a quite unusual star, in that it has the metallicity of SGB Group D but is 0.85 magnitude brighter in the m F435W band than any other star in this group. It is very unlikely to be a field-star contaminant, because it lies in the central part of the cluster and its radial velocity and proper motion agree well with those of the cluster. Star 6808 could be evidence of an extreme anomaly, an age difference of 5 or more Gyr within the metal-rich population. Alternatively, in a less extreme interpretation we might suggest that star 6808 is possibly a blue straggler, related to the SGB Group D population, even though it seems a priori very unlikely for us to have encountered one such star among only four stars that turned out to be metal rich. A more extended spectroscopic campaign could help to clarify this last issue too. 
